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Abstract. Detections of gravitational waves (GWs) may soon uncover the signal from the coalescence of a black hole
- neutron star (BHNS) binary, that is expected to be accompanied by an electromagnetic (EM) signal. In this paper,
we present a composite semi-analytical model to predict the properties of the expected EM counterpart from BHNS
mergers, focusing on the kilonova emission and on the gamma-ray burst afterglow. Four main parameters rule the
properties of the EM emission: the NS mass MNS, its tidal deformability ΛNS, the BH mass and spin. Only for certain
combinations of these parameters an EM counterpart is produced. Here we explore the parameter space, and construct
light curves, analysing the dependence of the EM emission on the NS mass and tidal deformability. Exploring the NS
parameter space limiting to MNS − ΛNS pairs described by a physically motivated equations of state (EoS), we find that
the brightest EM counterparts are produced in binaries with low mass NSs (fixing the BH properties and the EoS).
Using constraints on the NS EoS from GW170817, our modeling shows that the emission falls in a narrow range of
absolute magnitudes. Within the range of explored parameters, light curves and peak times are not dissimilar to those
from NSNS mergers, except in the B band. The lack of an hyper/supra-massive NS in BHNS coalescences causes a
dimming of the blue kilonova emission in absence of the neutrino interaction with the ejecta.
PACS. 97.60.Jd Neutron stars – 97.60.Lf Black holes – 04.30.w Gravitational waves – 98.70.Rz Gamma-ray sources;
Gamma-ray bursts – 26.30.k Nucleosynthesis in novae, supernovae, and other explosive environments
1 Introduction
Starting from 2015 and during the first two observing runs (O1
and O2), Advanced LIGO and Advanced Virgo detected the
gravitational wave (GW) signal from the coalescence of several
black hole-black hole (BHBH) binaries [1] and of a neutron
star-neutron star (NSNS) binary [2]. A binary composed of a
black hole and a neutron star (BHNS) is yet to be discovered
[3], but prospects for the first detection during the current LVC1
observing run (O3) are encouraging.
The BHNS merger rate prediction from population syn-
thesis models is in the range [∼ 10−9, ∼ 10−6] Mpc−3 yr−1
[4, 5, 6, 7, 8]. From the non-detection of such an event dur-
ing O1 and O2, it is possible to draw a 90% upper limit on the
BHNS merger rate of 6.1× 10−7 Mpc−3 yr−1, assuming a black
hole (BH) mass of MBH ∼ 5 M with BH spins isotropically
distributed, and a neutron star (NS) mass of MNS ∼ 1.4 M [9].
In O3 the sensitivity has been improved, extending the de-
tection range. Therefore, a larger volume of the universe can
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1 LVC is the achronym of the LIGO Scientific Collaboration and
Virgo Collaboration
be explored and, unless the true BHNS merger rate falls in the
lower end of the estimates, we can expect to detect this kind
of event for the first time ever. For example, [6] estimate a
BHNS merger detection rate for a 3-detector-network in O3 in
the range [∼ 0.04, ∼ 12] yr−1 (depending on the assumed SNR
threshold and on the metallicity evolution model).
The aim of this study is at exploring the dependence of
the potential, prospected electromagnetic (EM) counterparts of
BHNS mergers on the NS properties, extending the analysis
presented in [10].
The NS mass is a key parameter in our analysis. Current
observations of Galactic binary systems where at least one of
the components is a NS [11, 12, 13, 14, 15, 16] indicate a
mass range from ∼ 1.17 ± 0.01 M to ∼ 2.01 ± 0.04 M. 2 The
NSs in double-NS systems have masses between 1.174 M and
1.559 M, with uncertainties . 0.01 M [16]. In the case of
recycled NS with white dwarf companions, the mass distribu-
tion is broader and can be fitted by a bimodal distribution with
2 A much higher, albeit uncertain, mass of 2.7±0.21 M is observed
in the recycled millisecond pulsar J1748-2021B [17]. However, due
to uncertainties in the assumed binary orbital inclination angle, for
J1748-2021B the authors indicate that there is 1% probability that the
NS mass is below 2 M.
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a low-mass component centered at 1.393+0.031−0.029 M and a high-
mass component with mean 1.807+0.081−0.132 M [14]. As further
discussed in [14], the sample of accurate, highly reliable esti-
mates of the NS masses provides an NS upper mass limit of
2.018 M at 95% confident level. The theoretical maximum
mass of non-rotating NSs is highly debated, being strongly de-
pendent on the NS composition and equation of state (EoS). In-
terestingly, based on the joint GW and EM analysis of GW170817,
[18] infer an upper limit on the maximum mass of a NS of
2.17 M at 90% confidence level.
While in this work we focus on the NS properties and their
deformability, we still need to specify the BH mass and spin3
in order to make definite predictions. The masses of BHs ob-
served in Galactic X-ray binaries cluster around a mean of
7.8± 1.2 M [19]. By contrast, those detected by the LVC have
a broader distribution between 7.6+1.3−2.1 M and 50.6
+16.6
−10.2 M [1].
Concerning BH rotation, as shown in e.g. [20] and dis-
cussed in [10], the BH spin (as also its orientation with respect
to the binary angular momentum, the tilt angle) plays a key role
in determining the properties of the EM counterparts of BHNS
events. As explained in [21] the effect of spins in GW wave-
forms is subdominant. Indeed the waveforms are most sensitive
to the effective spin of the binary, which is a mass-weighted
combination of the binary component spins 4 along the binary
angular momentum. The LVC detections of ten BHBH merg-
ers indicate that the effective spins χeff cluster around χeff ∼ 0,
while the individual BH spins are poorly constrained. [24] pro-
posed a model-agnostic approach to characterise the spin prop-
erties of the LVC BHBH population, showing that a strictly
aligned formation scenario for the BH spins would imply that
most individual spins take values . 0.3. Recently [21] noted
that, based on the Geneva stellar evolutionary code [25] and
on estimates on the CO cores prior the core collapse, BH natal
spins can be as high as 0.85 for CO cores of less than 16 M,
collapsing to form a BH of . 20 M [26]. It is clear that forth-
coming new observations will shed light on the natal spins of
stellar BHs, challenging theoretical models.
As a final remark, we recall that the BH spins in Galac-
tic binaries have been inferred using the continuum fitting of
the thermal spectrum from the Novikov and Thorne relativis-
tic thin-disc model [27]. The BHs observed in our Galaxy are
either persistently X-ray bright sources (as Cyg X-1), or tran-
sient. The former carry spin values > 0.85 with uncertainties
at ten per cent level, and are natal in origin, while the lat-
ter have a large spread extending from ≈ 0 to > 0.95 [28].
Cyg X-1 will soon encounter a Roche lobe overflow episode,
followed shortly by a Type Ib/c supernova and the formation
of NS. According to evolutionary calculation by [29, 30] only
∼ 1% of Cyg X-1 like systems end forming a BHNS merging
3 Hereafter, the term spin refers to the dimensionless spin parameter
χBH = cJ/GM2BH, where J is the angular momentum of the BH.
4 In this work we assume the NS spin to be negligible. Indeed the
time delay between the NS formation and the binary merger is long
enough so that the NS spin (initially large) decreases through dipole
emission. Furthermore, the absence of matter accretion onto the NS
avoids the spin-up through recycling. Thus the NS spin is expected
to be low before tidal locking it remains negligible because the GW
driven inspiral time is much shorter than the timescale for tidal spin-up
[22, 23].
binary, the remaining ones either disrupting or never coalescing
as mass transfer prior NS formation widens the orbit. Interest-
ingly, Ultra Luminous X-ray sources could be the progenitors
of BHNS systems, that formed through chemically homoge-
neous evolution [31]. These systems likely host massive and
highly spinning BH, contrary to common envelope evolution
systems for which the BH mass distribution appears to have in
most cases a peak at around MBH ∼ 10 M with an extended
tail, as shown in [8]. It is clear that discovering BHNS merging
systems both in GWs and through EM-emission will inform on
the formation channels providing rather stringent tests on the
models proposed.
As an additional point, we recall that observations of Galac-
tic compact binaries show a mass gap between the highest NS
mass observed (∼ 2 M) and the lowest BH mass (& 5 M)
[19, 32]. The compact object mass distribution is strictly re-
lated to the process of stellar core collapse and to the physical
conditions in supernova (SN) explosions. It has been suggested
that rapid SN explosions could produce this mass gap, while
from delayed explosions a continuum mass spectrum for the
remnants could arise [33, 34].
Binary population synthesis performed in [35] yields for
merging BHNS a BH mass range [∼ 5, ∼ 40] M, and a NS
mass range [∼ 1.1, ∼ 2] M, both depending on the models for
stellar evolution and binary interaction. [8], in their population
synthesis performed using the MOBSE code [36], found that for
merging binaries the NSs are mostly massive (1.3 . MNS . 2
M) and the BHs have preferentially low masses (5 . MBH .
15 M, with the lower value imposed ab initio depicting rapid
SN explosion).
As discussed in §2, we select two values for the BH spin
and two values for its mass, in order to bracket a range of pos-
sible configurations.
In a BHNS merger the final remnant is always a BH. How-
ever, General Relativity (GR) numerical simulations indicate
that there are two possible fates for the NS, depending on the
relative position of the BH innermost stable circular orbit (ISCO)
and the distance at which the BH gravitational field is able
to induce the tidal disruption of the star. If the tidal disrup-
tion happens outside the ISCO, some debris are left outside the
BH. In the opposite case, the NS directly plunges into the BH
and no matter is left outside. The NS fate depends on the NS
tidal deformability ΛNS and thus on the equation of state (EoS)
for nuclear matter, on the BH and NS mass ratio q (defined as
mBH/mNS > 1), and on the BH spin χBH [20, 37, 38, 39, 40].
As we discussed in [10], the NS is subject to partial disruption
for larger values of ΛNS, larger BH spins and lower mass ratios
[23, 39, 41, 42, 43, 44, 45, 46, 47].
If the NS is disrupted, some neutron-rich material is re-
leased. The tidal debris comprise a gravitationally bound com-
ponent, which forms an accretion disc around the final BH, and
an unbound one, the so-called “dynamical ejecta” [20, 37, 39,
48, 49, 50]. When this matter is present outside the BH, EM
emission is expected to emerge from a variety of processes.
Therefore, beyond the study of the GW signal, further infor-
mation on the binary can be extracted by detecting and charac-
terizing the EM counterparts of such merger.
The first GW signal from a NSNS merger was detected in
2017 [2] and an EM counterpart was soon observed [51], giving
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birth to the GW-EM multi-messenger astronomy. This obser-
vation of GW170817 demonstrated that NSNS mergers can be
the progenitors of short duration gamma-ray bursts (SGRBs)
[as proposed by, e.g., 52, 53] and that they lead to the pro-
duction of r-process elements whose decay powers the emis-
sion from the expanding ejecta, which produces an ultraviolet-
optical-infrared transient called “kilonova” [54, 55, 56].
From the GW signal analysis, constraints on the binary
combined tidal deformability were obtained, with an upper limit
Λ˜ ≤ 800 [2, 57]. This quantity is a mass-weighted combina-
tion of the two NS dimensionless tidal deformability parame-
ters [58]. For which concerns the individual tidal deformabili-
ties Λ1 and Λ2, assuming a common EoS, [59] found - at 90%
confidence level - Λ1 . 500 and Λ2 . 1200 (assuming uniform
mass prior), Λ1 . 700 and Λ2 . 750 (assuming mass prior
from known NSNS systems), Λ1 . 600 and Λ2 . 900 (assum-
ing mass prior from Galactic NSs). [60] found constraints on Λ˜
from GW170817 multimessenger observations. Indeed, beside
the cited upper limit coming from GW signal analysis, they
found a lower limit Λ˜ ≥ 400, necessary in order to produce
enough ejecta to power a kilonova consistent with the observed
one.
We note that while for a NSNS binary Λ˜ is a mass-weighted
quantity of the two component deformabilities, for a BHNS bi-
nary, being the deformability of a BH equal to zero, Λ˜ is linked
to the NS deformability parameter ΛNS (through a coefficient
containing the BH and NS masses).
Also BHNS mergers can produce a kilonova. Furthermore,
there are indications that a relativistic jet could be launched
from the remnant BH - accretion torus system [61, 62] in pres-
ence of strong magnetic field amplification through magneto-
rotational and Kelvin-Helmholtz instabilities in the torus [63,
64, 65]. GR magneto-hydrodynamical simulations are on the
verge of resolving the jet launch [see e.g. 66, 67, 68, 69], which
could then power a GRB and, upon interaction of the jet with
the interstellar medium (ISM), its afterglow. Kilonova emis-
sion from BHNS mergers was studied through semi-analytical
models and fitting formulae from general-relativistic numerical
simulations [70] and radiation-transfer simulations [71, 72, 73].
In [10] we developed a suite of semi-analytical models to
predict the properties of the EM counterparts of BHNS merg-
ers. We included the nuclear-decay-powered kilonova and its
radio remnant, the GRB prompt emission and the afterglow
from the relativistic jet, covering all the EM spectrum from ra-
dio to gamma-rays. The main focus in that work was the role
of the BH spin in determining the degree of mass loss follow-
ing the partial disruption of the NS and in determining the light
curves associated to both the bound and unbound material. We
found that light curves feature universal traits but at the same
time they show a high degree of degeneracy with respect to the
BH mass and spin combinations.
In this paper, for simplicity, we consider only the kilonova
and the GRB afterglow emissions. We expand on our previ-
ous work by exploring the dependence of the light curves on
the BH mass and spin [as in 10] but this time considering also
BHs in the lower “mass gap”. If such light stellar BHs form,
the low q values favour BHNS mergers that leave behind a
large amount of debris and can be associated to the brightest
EM events, within this new class of GW sources. As discussed
in [74], if BHs are allowed to have small masses, close to the
maximum NS mass, then for a binary merger with a total mass
≈ 2MNS,max, it would be difficult to disentangle the nature of
the binary analysing the GW signal alone, since the detector
sensitivity to the final part of the inspiral and to the merger
is hampered by high-frequency shot noise. Unless the SNR is
very high, it can be difficult to discriminate a low mass BHBH
system from a high mass NSNS system or a BHNS system.
Combined GW and EM observations could help to disentangle
these possibilities, and for this reason we investigate in detail
the joint GW and EM detectability.
We also investigate on how the EM counterparts to BHNS
coalescences depend on the tidal deformability of the NS, and
in turn on the EoS.
To this purpose we explore an interval of NS masses and a
set of EoS. The BH mass and spin are fixed to selected values,
to let the NS be partially disrupted prior to the final plunge.
We also take the opportunity, being this paper published in a
special issue, to detail the semi-analytical model used in [10]
for sake of completeness and clarity.
The paper is organized as follows. In §2 we present and
justify our choice of BH parameters. In §3 we show the depen-
dence of the ejecta mass on BH properties (for a given NS pa-
rameter set) and on NS properties (fixing the BH parameters).
In §4 we describe in detail our model for kilonova emission.
In §5 we present our model for relativistic jet launch and our
assumptions on its structure, and we give the details for the
GRB afterglow emission model. In §6 we show some example
light curves in order to stress their dependence on NS proper-
ties. Finally, in §7 we show how the total energy radiated in the
kilonova depends on BH and NS properties.
2 Black hole parameters
In this work, we select two BH masses, 6 M and 3 M. The
mass of MBH = 6 M is taken as reference for the rapid SN
explosion. This value is compatible with the mass distribution
for stellar-mass BHs presented in [32]. This is also a typical BH
mass value from BHNS population synthesis models [8, 35].
The mass of MBH = 3 M is taken instead as reference for the
delayed SN explosion scenario, and is close to the maximum
mass of a NS predicted from the most extreme NS EoS, which
have been excluded by recent observations [60]. Heavy stellar
BHs with masses in excess of 10 M are not considered here as
in that case the NS is not tidally disrupted in general.
For the reasons explained above, we select two values for
the BH spin, namely χBH = 0.5 and 0.8. In § 6 we also discuss
how a BH spin χBH = 0.3 would affect the light curves.
We assumed the BH spin to be aligned with the binary an-
gular momentum, thus we fixed the tilt angle ιtilt = 0. In the
following analysis we will show results for the four combina-
tions of these BH parameters.
3 Ejecta from BHNS mergers and the role of
tidal deformability
The BH is described by its mass MBH and dimensionless spin
parameter χBH, which determine the radius of the innermost
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stable circular orbit, RISCO. As the NS gets closer to the BH,
tidal forces increase. When the relative distance reaches dtidal ∼
(MBH/MNS)1/3RNS, the tidal gravity gradient over the stellar ra-
dius RNS induced by the BH equals the NS self-gravity. Be-
low this distance the NS undergoes partial disruption, spread-
ing neutron-rich material in its surroundings.
If dtidal < RISCO, the tidal disruption occurs too close to the
BH and the NS plunges entirely into the BH, leaving no mass
outside: in this case, we do not expect any EM counterpart.
If instead dtidal > RISCO, the NS is partially disrupted and the
remnant BH is surrounded by neutron-rich matter. In this case
it is possible to produce the EM counterparts.
The total mass Mout of matter left outside the BH can be
divided into two components: the accretion disc, representing
the gravitationally bound material, and the dynamical ejecta,
the unbound part. We denote their masses as Mdisc and Mdyn,
respectively.
For a fixed BH mass, a more massive NS requires a larger
BH spin in order to be tidally disrupted. Indeed high-mass NSs
are generally more compact, thus dtidal is smaller and also RISCO
must be small for the BH gravity gradient to unbind material.
This translates into a larger required BH spin. For a fixed NS
mass, more massive BHs have larger RISCO, unless their spin
is very high. Thus also in this case a high BH spin is required
to avoid a direct plunge. Therefore, the best combination of
binary parameters, necessary to induce the NS tidal disruption
and release neutron-rich matter, requires low mass ratios q =
MBH/MNS and high BH spins.
At fixed BH and NS masses, the release of ejecta depends
on the NS EoS or, equivalently, on its tidal deformability de-
fines as
ΛNS =
2
3
k2C−5NS, (1)
where CNS = GMNS/(RNSc2) is the NS compactness equal
to (with c and G is the speed of light and gravitational con-
stant), and k2 is the dimensionless tidal Love number defined
as k2 = (3/2)GλR−5NS [75], with λ the quadrupolar polarisability,
representing the ratio of the induced quadrupole moment Qi j to
the applied tidal field Ei j (Qi j = −λEi j).
For a given MNS, “soft” EoS lead to NSs with a smaller
radius, a higher compactness CNS and consequently a smaller
ΛNS compared to “stiff” EoS. Thus, soft EoS conspire against
tidal disruption. Fig. 1 shows the relation between ΛNS and MNS
for a set of EoS, ranging from the softest 2B to the stiffest MS1.
In this figure we also indicate the estimated mass ranges for
the two NSs in the GW170817 event [57]. Therefore, for small
values of ΛNS (i.e. soft EoS) the BH spin required to produce a
considerable amount of ejecta, Mout, needs to be large.
As in [76] for NSNS binaries, we parametrise the mass
in the disc and ejecta as functions of the BH and NS intrin-
sic parameters using fitting formulae from numerical relativ-
ity simulations. We estimate Mout using the formula from [40],
whose free parameters are calibrated on numerical simulations
of BHNS mergers. Mout depends on MBH, MNS, MbNS, χBH and
ΛNS
Mout = MbNS
[
max
(
α
1 − 2ρ
η1/3
− βR˜ISCO ρ
η
+ γ, 0
)]δ
, (2)
1.0 1.2 1.4 1.6 1.8 2.0 2.2 2.4 2.6 2.8
MNS [M ]
101
102
103
104
NS
2B
SFHo
ENG
MPA1
LS220
TM1
MS1
DD2
Fig. 1. NS dimensionless tidal deformability parameter ΛNS as a func-
tion of the NS mass MNS for a set of selected EoS. The softest con-
sidered EoS is 2B (blue), while the stiffest one is MS1 (pink). Vertical
dashed lines represent the estimated ranges for NS masses coming
from GW170817 analysis (black for the primary component, gray for
the secondary).
where MbNS is the NS baryonic mass, η = q/(1 + q)
2 is the sym-
metric mass ratio, ρ = (15ΛNS)−1/5, R˜ISCO = RISCOc2/GMBH is
the dimensionless ISCO. The parameter in Eq. 2 are those in
[40].
We calculate Mdyn and the ejecta rms velocity vdyn using
the formula from [70]. Here Mdyn depends on MBH, MNS, MbNS,
χBH,CNS and ιtilt, the angle between the BH spin and the binary
total angular momentum:
Mdyn = MbNS
{
max
[
a1qn1 (1 − 2CNS)/CNS − a2qn2 R˜ISCO(χeff)+
+a3(1 − MNS/MbNS) + a4, 0
] }
,
(3)
where χeff = χBHιtilt is the effective BH spin, and the parameter
values are those in [70]. The rms velocity of the ejecta depends
only on q, and reads
vdyn = (aq + b)c, (4)
with a, b and c here given in [70].
For the BHNS binary configurations explored in the simu-
lations (focused on a BH mass range ∼ 4 – 10 M), the mass in
the unbound ejecta never exceeds few percent of the NS mass.
We assume the limit for the dynamical ejecta mass as
Mdyn,max = f Mout. (5)
The factor f represents the maximum ratio between the dynam-
ical ejecta mass and the total mass remaining outside the BH.
f cannot exceed 0.5. This value corresponds to results from
numerical simulations of tidal disruption events (TDE) of an
unbound star orbiting a massive BH, where half of the star’s
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mass is unbounded and the other half forms an accretion disc
[77]. However a NS is bound to the BH prior merging and tidal
disruption will proceed differently. [78] performed new simu-
lations of BHNS mergers in the near-equal-mass regime, con-
sidering BH of mass near 1.4 M. The configuration producing
the largest unbound component has ∼ 28% of the mass remain-
ing outside the BH in dynamical ejecta. Therefore we assume
f = 0.3.
In order to calculate Mdyn we need to correlate the tidal
deformability parameter with the stellar compactness. [79] de-
rived an EoS-quasi-independent relation between CNS and ΛNS
known as the “C-Love” relation:
CNS =
2∑
k=0
ak(lnΛNS)k. (6)
We calculate CNS using this formula with the coefficients ak as
given in their work.
The NS baryonic mass in Eq. 3 is given by the relation
MNS = MbNS − B.E. (7)
where B.E. is the binding energy when N baryons are assem-
bled. [80] related this binding energy to MNS and CNS to yield
B.E. = MNS
0.6CNS
1 − 0.5CNS . (8)
Thus we obtain
MbNS = MNS
(
1 +
0.6CNS
1 − 0.5CNS
)
, (9)
With these definitions we are able to compute the total mass re-
maining outside the BH and the dynamical ejecta mass. There-
fore the mass in the disc is simply their difference:
Mdisc = max
[
Mout − Mdyn, 0
]
. (10)
In this work we consider BHs with masses 3 M < MBH <
5 M, while in [10] we limited our analysis to MBH > 6 M (as-
suming the rapid SN explosion). Therefore, before analysing
the dependence of the mass in the ejecta on NS properties, we
extended our previous analysis to lower BH masses. We fixed
the NS properties, namely MNS = 1.4 M and ΛNS = 330,
corresponding to the SFHo EoS [81]. In Fig. 2 we show how
the BH mass and spin affect the production of dynamical ejecta
and disc masses. White regions represent parameter combina-
tions corresponding to a direct plunge of the NS, thus leaving
no mass outside the BH, and thus no EM counterpart. It is clear
that, for a given pair of MNS and ΛNS, larger dynamical ejecta
and disc masses are associated to less massive and/or faster
spinning BHs.
Figure 3 shows the dynamical ejecta and disc masses pro-
duced during the merger in the MNS −ΛNS plane. As an indica-
tion we plot with gray symbols the ΛNS−MNS relation for some
EoS. It is evident that in principle the optimal condition to pro-
duce massive dynamical ejecta and discs fixing MBH and χBH is
having a massive NS and/or a large ΛNS, if each NS parameter
pair was possible. However only certain MNS − ΛNS pairs are
described by a physically motivated EoS. Limiting to existing
4 6 8 10
MBH [M ]
0.0
0.2
0.4
0.6
0.8
BH
Mdyn [M ]
4 6 8 10
MBH [M ]
Mdisc [M ]
10
4
5×
10
3
0.
01
0.
05
0.
1
0.
25
0.
5
Fig. 2.Dynamical ejecta (left) and disc masses (right) produced during
the merger in the MBH − χBH parameter space, assuming a NS with
MNS = 1.4 M and ΛNS = 330 (corresponding to SFHo EoS).
EoS, we find that the optimal condition to produce massive dy-
namical ejecta and discs fixing MBH and χBH is having a low
mass NS. Indeed, as shown in Fig. 1, for each EoS low mass
NSs correspond to the largest values of tidal deformability. Fig-
ures 4-5-6 show the same for different BH parameters. We see
that, when fixing the NS properties, the optimal condition to
produce massive dynamical ejecta and discs is having a low
mass BH with a large spin.
It is interesting to note that NSs never suffer a total tidal
disruption in the considered cases. Indeed in all the ΛNS −MNS
parameter space the total mass remaining outside the BH is al-
ways . 42% MNS. This upper limit is reached for extreme com-
binations of NS parameters (in particular very large ΛNS), that
are not described by any physically motivated EoS. If we limit
the analysis to MS1 EoS (gray dots), the stiffest one among
those presented, we find Mout . 40% MNS. Gray crosses rep-
resent the SFHo EoS, which we consider likely more realis-
tic. This EoS is compatible with nuclear and astrophysical con-
straints and it associates to a 1.4 M NS a radius of ∼ 12 km,
compatible with the NS radii estimates in the GW170817 sig-
nal analysis [82]. Considering the SFHo EoS, we find that Mout ≤
32% MNS.
We stress that fits from [70] are based on simulations with
3 ≤ q ≤ 7 and 300 ≤ ΛNS ≤ 1500, while fits from [40] on sim-
ulations in the ranges 1 ≤ q ≤ 7 and 280 ≤ ΛNS ≤ 2070. There-
fore dynamical ejecta estimates for the case with MBH = 3 and,
consequently, q < 3 are extrapolations from the fit, such as
points with ΛNS above or below the indicated ranges. We thus
consider our results outside these ranges as only indicative.
[78] compared their results from simulations of near-equal-
mass BHNS mergers (1 < q < 1.9) with fits from [70], finding
that the dynamical ejecta mass fit is quite consistent with sim-
ulations also in this low mass ratio regime, while extrapolation
of the dynamical ejecta velocity fit overestimates by a factor
∼2 their results.
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Fig. 3. Dynamical ejecta (left) and disc masses (right) produced dur-
ing the merger in the MNS−ΛNS parameter space, assuming a BH with
MBH = 3 M and χBH = 0.5. The NS compactness is computed assum-
ing the C-Love relation. Gray symbols show the ΛNS − MNS relation
for a set of EoS. The match of any point with the underlying shaded
area corresponds to the estimated value of the dynamical ejecta and
disc masses.
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Fig. 4. Same as Fig. 3, assuming a BH with MBH = 3 M and χBH =
0.8.
4 Kilonova model
BHNS mergers are possible sites for heavy elements produc-
tion, through r-process nucleosynthesis [54]. This process hap-
pens in the neutron-rich ejecta released during the NS tidal dis-
ruption with synthesized nuclei far from the valley of stability.
These nuclei undergo radioactive decay, powering the kilonova
(KN) emission on timescales ranging from ∼hours to ∼weeks
after the merger.
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Fig. 5. Same as Fig. 3, assuming a BH with MBH = 6 M and χBH =
0.5.
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Fig. 6. Same as Fig. 3, assuming a BH with MBH = 6 M and χBH =
0.8.
Different matter ejection mechanisms can be identified, each
associated to a typical timescale and ejecta properties:
1. Dynamical ejecta, produced on a short timescale (∼ms) by
tidal interactions [e.g. 70, 83];
2. Wind ejecta, produced on a timescale of tens of millisec-
onds by the accretion disc during the initial neutrino-cooled
phase [84] through neutrino-matter interactions and mag-
netic pressure [e.g. 73, 85, 86];
3. Viscous ejecta, produced through magnetically originated
viscous processes inside the disc during the advection-dominated
phase [84]. The timescale of this ejection is comparable
with the accretion duration, being related to the angular
momentum transport, viscous heating and nuclear recom-
bination [e.g. 87, 88].
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4.1 Wind and secular ejecta emission
We followed [89] to calculate the kilonova emission from wind
and secular ejecta. Their semi-analytical model assumes sym-
metry with respect to the system total angular momentum di-
rection and divides the polar angle θ into 30 equally spaced
(in cos θ) slices. The parameters for each component are the
mass mej and its angular distribution, the average velocity vej
in the radial direction and the effective grey opacity κej, possi-
bly depending on θ. They assume that, inside each slice, matter
expands homologously. Numerical simulations [e.g. 90] and
analytical arguments [91] show that the matter distribution in
velocity space can be broadly described as
dm/dv ∝ (1 − (v/vmax)2)3, (11)
with vmax the largest velocity of ejecta. In the following we use
the velocity v as a Lagrangian coordinate. We refer to the ejecta
part moving at a certain velocity as a “shell”. The relation be-
tween maximum and rms mean velocity is vmax = 128/35 vej.
For each angular slice, thermal emission from the photospheric
radius is calculated following [92] and [93].
For each component i, the bolometric luminosity emitted at
time t in the angular slice j is
Lboli j (t,mi j,Ye,i j) = ˙nuc(t,Ye,i j) mrad,i j(t,mi j,Ye,i j). (12)
In this equation mi j and Ye,i j are the mass and electron fraction
of the i-th component in the j-th angular slice. Since the treat-
ment is identical, in what follows we focus on a single angular
slice and a single component i j and we drop the indices for clar-
ity. Based on detailed nucleosynthesis calculations, [94] ob-
tained a simple analytical fitting formula for the nuclear heating
rate ˙nuc, namely
˙nuc(t) = 0
th
0.5
[
1
2
− 1
pi
arctan
( t − t0
σ
)]
, (13)
where 0 ≈ 1018−19 erg s−1 g−1, th is the thermalization effi-
ciency, σ = 0.11 s and t0 = 1.3 s. [89] introduced an electron-
fraction-dependent term Ye in ˙nuc in order to take into account
that ejecta with large electron fraction (and therefore low opac-
ity) have a decay half-life of few hours, thus their emission is
”boosted” at early times:
Ye (t) =
0.5 + 2.5 {1 + exp [4 (t/1d − 1)]}−1 if Ye ≥ 0.251 otherwise.
(14)
Here mrad,i j is the mass of the radiating shell for the i-th com-
ponent in the j-th angular slice. The radiating shell is the part
of the ejecta comprised between the diffusion surface (where
the optical depth τ = κρ¯∆r = c/v, below which the diffusion
timescale is larger than the dynamical one) and the photosphere
(where τ = 2/3, above which the average density is too low and
photon thermalisation is not efficient). For homologous expan-
sion, the mass distribution in velocity space is stationary. We
can define the mass moving faster than a certain velocity v as:
m>v(v) = mej
[
1 + F
(
v
vmax
)]
, (15)
where F(x), for the mass distribution given in Eq. 11, is
F(x) =
35
112
x7 − 105
80
x5 +
35
16
x3 − 35
16
x. (16)
We consider diffusion to become effective when the optical
depth falls below v/c,
τ = κρ¯∆r =
κm>v
4pi(vt)2
=
v
c
, (17)
thus the time at which the diffusion surface corresponds to the
shell with velocity v is given by
tdiff =
√
κm>v
4pivc
. (18)
The time at which the photosphere corresponds to the shell with
velocity v is
tphot =
√
3km>v
8piv2
. (19)
Inverting these relations we can find the time evolution of the
diffusion and photospheric shells. We calculate the effective ra-
diating mass as
mrad = m>vdiff − m>vphot (20)
The emission is assumed to be described by a blackbody. [95]
noted that when the ejecta temperature reaches the first ionisa-
tion temperature of lanthanides TLa, these elements recombine
and there is a sharp drop in opacity. The photosphere follows
the recombination front and recedes inward, maintaining a con-
stant temperature, equal to the recombination value. The pho-
tospheric radius before recombination is simply
Rphot = vphott, (21)
while after recombination, using the relation Lbol = AσSBT 4 =
R2ΩσSBT 4 we find the photospheric radius giving a constant
temperature
Rphot =
√
Lbol
ΩσSBT 4La
, (22)
where σSB is the Stefan-Boltzmann constant and Ω is the sub-
tended solid angle. Therefore at each time the photospheric ra-
dius is the minimum of the two expressions. We can summarize
the two cases in the following way:
Rphot = vphott, T =
(
Lbol
ΩσSBR2phot
)1/4
before recombination
T = TLa, Rphot =
√
Lbol
ΩσSBT 4La
after recombination
(23)
Following [93] we compute the observed spectral flux by super-
posing Planckian distributions, projecting the emitting surface
in each angular bin along the line of sight. Given the blackbody
spectrum in each angular bin and the observer direction w, the
total observed spectral flux is
Fν(w, t) =
∑
j
Bν(T j(t))
∫
nˆj·w>0
w · dΩ, (24)
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Fig. 7. Schematic division of a section of dynamical ejecta (assumed
to have a crescent-like geometry). The decreasing ejecta density in the
outward direction is represented qualitatively by the colouring. The
equatorial plane is at z = 0. We identify three regions, delimited by the
red-dashed line, according on the edge for which the diffusion time is
the shortest. For region A it is the upper latitudinal edge, for region B
the lower one, and for region C the radial edge. In ejecta regions above
the orange solid line radiation can diffuse to the surface, while below
that line emission is not possible because radiative diffusion has not
yet reached the ejecta edge. Reproduced from [10].
where nˆk is the unit vector perpendicular to the photosphere in
the j-th angular slice. The projection factors given by the in-
tegral are time independent, thus we compute them in advance
and use them as weighting factors p j(w),
Fν(w, t) =
∑
j
p j(w)Bν(T j(t)). (25)
At any given time Bν is expressed as
Bν =
(
Rphot
dL
)2 2hν3
c2
1
ehν/(kBT ) − 1 , (26)
where dL is the luminosity distance, h the Planck constant, ν
the considered frequency and kB the Boltzmann constant.
4.2 Dynamical ejecta emission
In BHNS mergers the dynamical ejecta are not symmetric with
respect to the rotational axis of the system. Indeed [70] and
[73] showed that the typical geometry for this kind of ejecta
is a crescent, lying close to the equatorial plane and extend-
ing in the azimuthal direction over approximately half of the
plane (φdyn ∼ pi), and in the latitudinal direction over an an-
gle θdyn ≈ 0.2 − 0.5 rad. [70] gave an analytical model for the
dynamical ejecta emission, assuming a uniform velocity dis-
tribution, based on rescaling of the spectrum from a radiative
transfer simulation from [72]. In [10] we presented a simple
semi-analytical model to treat this emission.
We assumed the dynamical ejecta mass to be distributed
in velocity space as in Eq. 15. Each dynamical ejecta shell is
assumed to emit from its latitudinal photosphere or towards
the radial photosphere, based on which diffusion time is the
shortest. We follow the same arguments on the diffusion ap-
proximation as above. Defining θ as the angle measured from
the equatorial plane, dynamical ejecta extend from θ = −θdyn
to θ = θdyn. We limit our discussion to the region above the
equatorial plane(θ > 0), as the same results hold for the region
below, simply reversing the signs. The diffusion time in the lat-
itudinal direction for photons diffusing upwards in the shell and
produced at an angle θ can be expressed as
td,lat ∼
(θdyn − θ)2κdyn dm/dv
c θdynφdyn t
, (27)
where κdyn is the opacity of dynamical ejecta. Instead the diffu-
sion time in the radial direction is
td,rad ∼
κdynmdyn,>v(vmax − v)
c θdynφdynv2t
. (28)
We can find the angle θlat(v) above which the diffusion time in
the latitudinal direction is shorter than that in radial direction.
It is
θlat(v) = θdyn −min
θdyn,
√
mdyn,>v(vmax − v)
v2dm/dv
 . (29)
We use this angle to identify three regions in the ejecta, each
one emitting only in the direction for which the diffusion time
is the shortest, as illustrated in Fig. 7. We label A and B the
regions emitting in the latitudinal direction above and below
the equatorial plane, respectively, while we label C the region
emitting in the radial direction. Inside region A, the diffusion
time is equal to the elapsed time at an angle
θd(v, t) = θdyn − t
√
c θdynφdyn
κdyndm/dv
. (30)
Assuming a uniform density distribution in the latitudinal di-
rection and that the nuclear heating energy release that happens
above θd instantaneously contributes to the latitudinal emis-
sion, the latitudinal luminosity per unit velocity can be ex-
pressed as
dLlat
dv
(v, t) =
1
2
˙(t)
dm
dv
×max
(
1 − θlat(v)
θdyn
, 1 − θd(v, t)
θdyn
)
, (31)
where the factor 1/2 takes into account that we only considered
the region above the equatorial plane.
For a given shell, the latitudinal surface is
dS lat
dv
(v, t) = φdynv dv t2, (32)
and the latitudinal annulus above the shell has an effective tem-
perature given by
TBB,lat(v, t) =
(
dLlat/dv
σSB(dS lat/dv)
)1/4
. (33)
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Considering the effect of lanthanides recombination described
above, we set
Tlat(v, t) = max(TBB,lat(v, t),TLa). (34)
For the region emitting in radial direction (region C), the
approach is similar, but we must take into account the relative
speed between the shell and the emitting surface. As before,
the condition for which radiation can escape from a certain re-
gion is that the radial diffusion speed is larger than the local ve-
locity. This happens beyond a ‘diffusion velocity’ vd, obtained
through the implicit equation
t =
√
κdynmdyn,>vd
θdynφdynvdc
. (35)
Therefore the radial luminosity is
Lrad(t) = ˙(t) mrad,>vd (t), (36)
where mrad,>v is the mass moving faster than v in region C:
mrad,>v =
∫ vphot
v
θlat(v)
θdyn
dm
dv
dv. (37)
We perform this integral up to vphot in order to exclude from
emission the material above the photosphere (as explained be-
fore). The radial emission surface is
S rad(t) ∼ φdynθdynv2pht2 , (38)
where the photospheric velocity is obtained by solving
τ =
2
3
=
κdynm>vph
θdynφdynv2pht
2
. (39)
The radial photospheric effective temperature is
Trad(t) = max
( Lrad(t)σSBS rad(t)
)1/4
,TLa
 . (40)
Assuming that the dynamical ejecta is geometrically thin, for
an observer whose line of sight forms an angle θview with the
polar axis the projection factor for latitudinal emission is
flat = cos(θview). (41)
Instead for radial emission the projection factor is
frad = pi cos(θview) sin2(θdyn)+
+ 2 sin(θview)[θdyn + sin(θdyn) cos(θdyn)].
(42)
4.3 Kilonova light curves
Our final light curves are obtained by summing the fluxes from
dynamical (both latitudinal and radial emission), wind and sec-
ular ejecta.
Dynamical ejecta result directly from the NS tidal disrup-
tion, so they remain cold and are not significantly irradiated
by neutrino emission from the inner disc. This preserves the
low Ye expected for NS matter. As shown in [96], indeed, ro-
bust r-process nucleosynthesis always occurs inside this type of
ejecta. Therefore, we associate a high opacity κdyn = 15 cm2 g−1
to this component.
For the wind and secular ejecta, we assumed parameter
values coming from the analysis of the kilonova associated
with GW170817. However, to take into account the intrinsic
properties of the different binary we are considering, we mod-
ified some of them. We calculate the wind and viscous ejecta
masses as fractions ξw = 0.01 and ξs = 0.2 of the disc mass
[84, 87, 97]. In the BHNS case, indeed, the wind ejecta is no-
tably a smaller fraction of the disc with respect to the NSNS
case. This is due to the lack of a possible intermediate supra-
or hypermassive NS state that would produce an intense neu-
trino wind. For the wind and secular ejecta we assume opacities
κw = 1 cm2 g−1 and κs = 5 cm2 g−1 respectively.
We tested our model on the observed kilonova associated
with GW170817, using typical ejecta parameters for the NSNS
merger case. The light curves obtained with our model are con-
sistent with observations (paper in preparation). In § 6.3 we
compared inferred kilonova light curves with those from AT2017gfo,
the kilonova associated with GW170817.
5 GRB Afterglow model
5.1 Relativistic jet launch
When the NS is tidally disrupted and some of the released ma-
terial forms a disc, its accretion on the remnant BH can induce
the launch of a relativistic jet through the Blandford-Znajek
mechanism [61, 98]. As shown by [62], this process can pro-
duce a luminosity
LBZ ∝ G
2
c3
M2BHB
2Ω2H f (ΩH), (43)
where B is the amplitude of the magnetic field at the BH hori-
zon, 0 ≤ ΩH ≤ 1/2 is the dimensionless angular velocity eval-
uated at the horizon,
ΩH =
χBH
2(1 +
√
1 − χ2BH)
, (44)
and f (ΩH) = 1 + 1.38Ω2H − 9.2Ω4H is a correction for high-spin
values.
The mass and spin here refer to the remnant BH. We compute
the spin using Eq. 11 from [99].
Assuming that, after the merger, the magnetic field B is am-
plified by Kelvin-Helmholtz and magneto-rotational instabili-
ties (MRI) up to a fixed fraction of the rest mass energy density
of the disc [65], we can write
B2 ∝ c
5
G2
M˙M−2BH, (45)
where M˙ is the rate of mass accretion on the remnant BH.
Therefore
LBZ ∝ M˙c2Ω2H f (ΩH). (46)
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This scaling is consistent with general-relativistic magneto- hy-
drodynamic (GRMHD) simulations of compact object mergers
where a jet is launched [67].
In principle, during its propagation, the jet may interact
with the other ejecta loosing some energy. However, assuming
that the jet is launched perpendicularly to the accretion disc,
it likely encounters very low density ejecta. Indeed, in BHNS
mergers the dynamical ejecta lie close to the equatorial plane
[from 70, θdyn ≤ 22◦]. This is due to the absence of shocks
that would generate a more isotropic distribution of dynamical
ejecta. This happens in NSNS mergers when the two stars col-
lide, but in BHNS mergers the BH obviously does not have a
“crust”. Also the viscous ejecta have a very small density in the
polar region. Their angular mass distribution is ∝ sin2 θ [89],
due to the centrifugal force in the frame that co-rotates with the
disc. The wind ejecta is the only outflow emitted in the polar
direction but, as said before, in BHNS mergers its mass is a
very small fraction of the disc mass. Therefore we can assume
that the jet looses only a negligible fraction of its energy in
overcoming the ejecta and its structure is not affected. The jet
kinetic energy is
EK,jet = LBZ × tacc (47)
where tacc is the duration of disc accretion
tacc = (1 − ξw − ξs)Mdisc/M˙. (48)
The terms in parentheses represent the disc mass lost in wind
and secular ejecta, thus not falling onto the BH. Then
EK,jet = (1 − ξw − ξs)Mdiscc2 Ω2H f (ΩH). (49)
 is a dimensionless constant that depends on the ratio of mag-
netic energy density to disc pressure at saturation [100], on the
large-scale geometry of the magnetic field and on the aspect ra-
tio of the disc [62]. However [67] suggest that its value does not
change significantly for different BHNS merger configurations.
To fix it to a definite value, we compare the upper extremum
of the SGRB energy distribution with the maximum energy
that can be attained by this process. Of course the disc mass
has as upper limit the total NS baryon mass, Mdisc . 2 M,
while the spin-dependent factor Ω2H f (ΩH) is always < 0.2. Un-
til today, the most energetic observed SGRB (GRB 090510)
had Eγ,iso ∼ 7.4 × 1052erg [101]: if we assume a 10% effi-
ciency in converting the kinetic energy to gamma-rays and con-
sider a jet half-aperture of 5 deg [the typical value measured for
SGRB half-opening angles, see 102], we find a jet kinetic en-
ergy EK,jet ∼ 3 × 1051erg. Following these arguments we set
 = 0.015, corresponding to a maximum possible jet kinetic
energy of EK,jet,max ≈ 1052erg.
5.2 Jet structure
Regardless the jet launching mechanism, it is natural to expect
an angular distribution of kinetic energy per solid angle and
Lorentz factor Γ in the jet. As an educated guess, we considered
the following angular distributions:
dE
dΩ
(θ) = Ece−(θ/θc,E)
2
;
Γ(θ) = (Γc − 1)e−(θ/θc,Γ)2 + 1;
(50)
where we chose Ec = EK,jet/piθ2c,E, θc,E = 0.1 rad, Γc = 100,
and θc,Γ = 0.2 rad.
In the future, this structure could be hopefully compared
with real observations. Due to the negligible interaction with
ejecta material, jets from BHNS mergers should bring some in-
formation on the originating region, such as the magnetic field
configuration, encoded in their structure. We can argue that,
if the launching conditions were similar for all the systems, the
jets could present a quasi-universal structure, with only slightly
different properties [see 103, for some evidence in favour of a
quasi-universal structure for jets launched by NSNS mergers].
5.3 GRB prompt emission
Internal shocks and/or magnetic reconnection dissipate a typ-
ical fraction η = 10% of the jet kinetic energy, that is radi-
ated away giving the GRB “prompt emission”. From [104], the
prompt isotropic equivalent energy that an observer measures
at a viewing angle θv is
Eiso(θv) = η
∫
δ3
Γ
dE
dΩ
dΩ. (51)
In Figure 3 from [10] we showed the isotropic equivalent ra-
diated energy (considering on-axis observer, θv = 0 rad) de-
pendence on the intrinsic BH properties. Obviously the jet is
launched only in systems where an accretion disc forms, thus
for parameter combinations resulting in a NS direct plunge no
values are shown (white region). It is interesting to note that our
model predicts an energy range that reproduces the observed
energy range of SGRBs [101].
5.4 GRB afterglow
After the prompt emission, the jet continues its expansion into
the interstellar medium (ISM). When the jet has swept an amount
of material whose rest mass energy times the jet Lorentz fac-
tor squared is comparable to the jet kinetic energy, the jet be-
gins to decelerate. This causes the formation of a strong for-
ward shock. Close to the shock, ISM electrons are accelerated
and produce synchrotron radiation: this represents the GRB af-
terglow emission. Behind the forward shock (“upstream” re-
gion) the electrons are accelerated through the Fermi process
producing a non-thermal energy distribution, which is usually
represented by a power-law of index p. We assume p = 2.3,
basing on Fermi acceleration simulations in magnetised rela-
tivistic shocks [105]. Using shock jump conditions from [106]
the total energy density behind the shock can be obtained. We
considered that a fraction e of this energy is given to the elec-
trons. Similarly, a fraction B of the total energy density is given
to the magnetic field (amplified by small-scale instabilities).
From [107, 108], the analysis of radio-to-GeV emission energy
ratio in LGRBs suggests a typical value for e ∼ 0.1 (however
we note that it is difficult to constrain this parameter from af-
terglow observations, due to several degeneracies). Constaints
on B lie in the range [10−4 - 10−1] [109, 110, 111, 112]. Fol-
lowing [113] we also computed synchrotron self-absorption.
We calculated the forward shock dynamics and its synchrotron
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emission using a modified version of the model used in [114]
and [115], described in [103]. We considered a constant en-
vironment density n = 10−3 cm−3, that is typical for SGRBs
with a modelled afterglow emission [102] and consistent with
the n value estimated from the analysis of the GRB associated
to GW170817 [115]. A low density is in agreement with the
expectation that binary merging sites are displaced from the
original star-forming regions due to supernova kicks [see e.g.
116].
5.4.1 Dynamics
In the following description we consider a jet whose axis is
aligned with the z axis of a spherical coordinate system. We
call θ and φ the latitudinal and azimuthal angles, respectively.
The viewing angle θv is the angle between the observer’s line of
sight and the jet axis. We define “annulus” each jet sub-region
with latitudinal angle in the range [θ, θ+dθ]. We do not take into
account energy exchanges among adjacent annuli, that would
result in lateral expansion. Therefore we consider the annuli
to be independent from each other. The initial Lorentz factor
and kinetic energy per unit solid angle of each annulus are,
respectively, dE/dΩ and Γ(0, θ). The ISM mass swept from
the jet per unit solid angle as a function of the radius (distance
from the jet’s launch site) is
µ(R) =
R3
3
nmp, (52)
where mp is the proton mass (here we are assuming the ISM
to be composed only of hydrogen). Imposing energy conser-
vation, following [117] and [113], we computed the shock dy-
namics, finding that the Lorentz factor of material right behind
the shock evolves as
Γ(R, θ) =
µ0
2µ

√
1 +
4µ(dE/dΩ c−2 + µ + µ0)
µ20
− 1
 (53)
where we defined
µ0(θ) =
dE/dΩ(θ)
Γ(0, θ)c2
. (54)
[106] showed that the shocked material lies behind the shock
in a thin layer. Assuming a uniform density distribution in the
radial direction inside this layer, we can calculate its thickness
∆R imposing electron number conservation. Using shock jump
conditions from [106] the number density of electrons in the
shocked region is then given by
ns = n
γaΓ + 1
γa − 1 , (55)
with γa representing the post-shock adiabatic index, for which
we use the formula from [118]. The thickness ∆R is then
∆R =
R(γa − 1)
3(γaΓ + 1)Γ
. (56)
The forward shock is faster than the shocked material, and the
tickness ∆R increases. The relation between the forward shock
Lorentz factor Γs and Γ [106] is
Γs = [γa(Γ − 1) + 1]
√
Γ + 1
γa(2 − γa)(Γ − 1) + 2 (57)
5.4.2 Equal-arrival time surfaces
Photons emitted in the shocked region at a given time will be
detected by the observer at different times. Considering that
the emitting region thickness is small with respect to the radius
(∆R << R), we can assume that photons are emitted from the
shock surface. Therefore the photon arrival time is given by
tobs(R, θv, θ, φ) = (1 + z)
∫ R
0
1 − βs cosα
βsc
dR, (58)
where βs =
√
1 − Γ−2s is the shock velocity in units c, z is
the redshift and α is the angle between the observer line of
sight and the unit vector perpendicular to the surface element,
namely cosα = cos θ cos θv + sin θ sin φ sin θv. The shock sur-
face brightness is given by
Iν(ν, θ, φ,R) = ∆R′ j′ν′ (ν/δ)δ
3, (59)
where the primed quantities are calculated in the comoving
frame. j′ν′ is the synchrotron emissivity, described in the follow-
ing subsection, and ∆R′ = Γ(R, θ)∆R. The term δ(R, θv, θ, φ) =
1/{Γ(R, θ)[1−β(R, θ) cosα]} is the Doppler factor of the shocked
material.
We divide the jet emitting surface in sub-regions, consider-
ing N bins for the latitudinal angle θ in the range [10−4, pi/2]
and M bins for the azimuthal angle φ in the range [−pi/2, pi/2].
Note that we compute the emission only from one half of the
surface, as for symmetry the contribution from the other half
is the same. For each sub-region we calculate Iν at radii that
correspond to a given tobs. We find these radii R(θ, φ, tobs) by
inverting Eq. 58. The total flux density at time tobs is obtained
by integrating over θ and φ:
Fν(ν, tobs) = 2
1 + z
d2L
∫ 1
0
d cos θ
∫ pi/2
−pi/2
dφR2Iν(ν(1+z),R), (60)
where the factor 2 takes into account the emission from the
other half of the surface, using the symmetry argument previ-
ously explained. Until now we considered the emission from
a single jet only. However, two jets are usually expected to be
launched by the BH-disc system, in the two opposite directions
along the polar axis. The receding jet is usually called “counter-
jet”. We compute the flux from the counter-jet using the same
method, simply adding pi to the viewing angle.
5.4.3 Radiation
We adopt a shocked material synchrotron emission model simi-
lar to [113] and [119]. We assume that the forward shock accel-
erates the ISM electrons generating a power law γ distribution
dns
dγ
∝ γ−p, (61)
where p > 2. As mentioned above, we assume that a fraction
e of the total energy density e behind the shock is given to the
electrons:
ee = ee = e(Γ − 1)nsmpc2. (62)
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Therefore we can define the minimum electron Lorentz factor
[“injection”, 119]
γm = max
[
1,
p − 2
p − 1(Γ − 1)
mp
me
]
, (63)
where me is the electron mass. Being the γ distribution a de-
creasing power law, the majority of electrons have γ = γm.
Small-scale instabilities amplify the magnetic field before the
shock. Again, the magnetic energy density eB can be expressed
as a fraction B of the total energy density e:
eB =
B2
8pi
= Be. (64)
Following [120] [and 105, to take into account the “deep new-
tonian” regime] we compute the peak synchrotron emissivity
of electrons “upstream”, in the comoving frame:
j′ν′,max ≈ 0.66
q3e
m2ec4
p − 2
3p − 1
Bee
γm
(65)
with qe the electron charge. From Eq. 59 the surface brightness
is
Iν(ν) = δ3∆R′ j′ν′,maxS (ν
′), (66)
where ν′ = ν/δ and S (ν′) is the normalized spectral shape.
We compute S (ν′) as a sequence of power laws, including all
spectral orderings [see e.g. 121]. The different power laws are
connected at break frequencies: νm, νc, νa and νac. νm is the
synchrotron frequency related to γm,
νm =
γ2mqeB
2pimec
. (67)
νc is the synchrotron frequency related to γc, the electron Lorentz
factor above which they loose energy through synchrotron emis-
sion on a timescale shorter than the dynamical timescale of ex-
pansion (over which “fresh” electrons are injected upstream):
γc =
6pimec2Γβ
σTB2R
, (68)
with σT the Thomson cross section.
If νm < νc the majority of electrons have a Lorentz factor
smaller than γc, thus their synchrotron emission energy loss
happens on a timescale larger than the expansion timescale.
This regime is defined “slow cooling”. If instead νm > νc the
electrons loose their energy faster than the shocked region is
refilled with fresh electrons. This regime is defined “fast cool-
ing”. Emitted photons can be re-absorbed by electrons before
leaving the shocked region in free-free transitions: this phe-
nomenon is called synchrotron self-absorption. Below the fre-
quency νa the emission is self-absorbed [113]. For fast cooling,
another break frequency (νac < νa) in the self-absorbed part of
the spectrum arises, due to the non-homogeneous distribution
of electrons at different cooling stages [122].
6 Kilonova and GRB afterglow light curve
dependence on NS properties
In this section we analyse the fundamental dependencies of
kilonova and GRB afterglow light curves on the NS properties
(MNS and ΛNS). In particular, for each set of BH properties, we
first fixed the NS mass to 1.4 M and explored a set of values
for ΛNS, then we did the opposite, fixing ΛNS to 330 and varying
MNS. We stress that in Figs. 8-11 we considered NS parameter
pairs independently from existing EoS. Instead in Figs. 12-15
we show light curves obtained using NS parameter pairs con-
sistent with two EoS.
6.1 Kilonova
In the top panels of Figs. 8-11 we show the kilonova light
curves as function of ΛNS (left-hand panel) and MNS (right-
hand panel). For a given NS mass, the larger ΛNS the brighter
the kilonova. Indeed, as explained above, fixing MNS and in-
creasing the NS tidal deformability leads to the production of
more massive ejecta, giving a more luminous kilonova (Eq. 12).
For a given ΛNS, the more massive the NS the brighter the kilo-
nova. Indeed, increasing the NS mass related to a certain ΛNS
amounts to moving towards stiffer EoS (as can be easily un-
derstood from Fig. 1). As explained above, a stiffer EoS leads
to the production of more massive ejecta, again giving a more
luminous kilonova.
This is the general trend, but there is an exception. In the
top-right panel of Fig. 8 (light curves with fixed ΛNS = 330)
we find a different behaviour. The KN light curves correspond-
ing to MNS = 1.6 M (blue) and MNS = 1.8 M (purple) are
not always dimmer than that corresponding to MNS = 2 M
(red). The former light curve is brighter until ≈ hours for B
and r bands and ≈ 4 days for K band. From Fig. 3 we see
that for ΛNS = 330 the dynamical ejecta mass decreases for
MNS ≥ 1.8 M instead of increasing. The disc mass instead
always increases5 with more massive NSs at fixed ΛNS. There-
fore at early times, where the major contribution is from dy-
namical ejecta, the MNS = 2 M light curve is dimmer than
the MNS = 1.6 − 1.8 M ones, because it corresponds to less
massive dynamical ejecta. Instead at late times, when wind and
secular ejecta (originating from the disc) emission is dominant,
the light curve is brighter, because it corresponds to a more
massive disc.
6.2 GRB afterglow
The same arguments hold for GRB afterglow light curves. In
the bottom panels of Figs. 8–11 we show the time evolution
of ν dL/dν for three representative frequencies: 1.4 GHz (“Ra-
dio”), 4.6 × 1014 Hz (“Optical”) and 2.4 × 1017 Hz = 1 keV/h
(“X-ray”). As evident from Fig. 6 in [10], the GRB afterglow
light curve strongly depends on the viewing angle. Here we
fixed θview = 30◦, indicated in [123] as the most probable view-
ing angle for GW signal detections from binary mergers. In
bottom left panels we see that, for a given MNS, the larger the
5 This may be due to the different dependence of the disc and dy-
namical ejecta mass on the NS compactness (Eqs. 2 and 3), but we
caution again that the two fitting formulae are based on different
datasets, and that the one from [70] is not calibrated in this part of
the parameter space.
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Fig. 8. Kilonova (top) and GRB afterglow (bottom) light curve dependence on NS tidal deformability (left - for MNS = 1.4 M) and mass
(right - for Λ = 330), considering a BH with MBH = 3 M and χBH = 0.5. For the kilonova we show the absolute magnitude vs time, while
for the GRB afterglow we show the quantity ν dL/dν vs time. Linestyles indicate different wavelengths (for the kilonova, listed in the legend)
or frequencies (for the GRB): 1.4 GHz (“Radio”), 4.6 × 1014 Hz (“Optical”) and 2.4 × 1017 Hz = 1 keV/h (“X-ray”). Note that kilonova light
curves are plotted from 0.1 to 30 days, while GRB afterglow light curves are plotted from 30 days to 1 year.
NS tidal deformability the brightest the GRB afterglow. In bot-
tom right panels we see that increasing MNS for a given ΛNS
leads to brighter GRB afterglows.
We computed both kilonova and GRB afterglow light curves
also considering a BH spin χBH = 0.3, but we do not show them
for briefness. We just discuss here the effect of a smaller χBH on
the light curves. As explained before, BHNS with low-spinning
BHs give rise to an EM counterpart if the mass ratio is small
and/or the NS tidal deformability is large. The corresponding
ejecta mass is smaller with respect to the case with larger spin,
therefore we expect the light curves to be dimmer. Indeed we
find that kilonovae for χBH = 0.3 are generally ∼ 0.5 – 1 mag
below the case with χBH = 0.5, and for configurations with
small NS mass and/or small deformability they are not pro-
duced at all. The same holds for GRB afterglows, where for
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Fig. 9. Same as Fig. 8, considering a BH with MBH = 3 M and χBH = 0.8.
χBH = 0.3 the quantity ν dL/dν is generally ∼ 5 – 20 times
smaller than the χBH = 0.3 case.
6.3 Selecting the EoS
In order to compute these light curves we considered different
combinations of MNS and ΛNS. However, as explained above,
only certain parameter pairs are consistent with an EoS. There-
fore, by selecting a set of EoS consistent with the observation
of GW170817, we can reduce the span in absolute magnitude
for expected light curves. [60] found joint constraints on NS
EoS from GW170817 multimessenger observations. As shown
in their Fig. 2, the upper and lower limits on the system tidal
parameter Λ˜ are close to the DD2 [124, 125] and SFHo EoS,
respectively. Green light curves in Figs. 8–11 represent our re-
sults for the SFHo EoS (giving ΛNS ≈ 330 for a 1.4 M NS),
while blue light curves represent those for the DD2 EoS (giving
ΛNS ≈ 700 for a 1.4 M NS and ΛNS ≈ 330 for a 1.6 M NS).
Therefore, using the above constraints on the NS EoS, for given
MBH, χBH and MNS (or, equivalently, ΛNS) our predictions on
kilonova light curves fall in a narrow absolute magnitude inter-
val.
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Fig. 10. Same as Fig. 8, considering a BH with MBH = 6 M and χBH = 0.5. Note that in this case the GRB afterglow light curves are plotted
from 1 day to 1 year.
The previous arguments on the optimal condition to pro-
duce bright EM counterparts hold when we freely explore the
MNS–ΛNS parameter space. If we instead limit our analysis along
a given EoS (as if nature would select a universal relation), then
each NS mass is linked to a ΛNS. As shown in Fig. 1, the largest
values for the NS tidal deformability correspond to low-mass
NSs. Therefore, by exploring the NS parameter space moving
only on EoS lines, we find that the brightest EM counterparts
are produced in binaries with a low-mass NS. This is shown
in Figs. 12-15, where for simplicity we plot only the kilonova
emission. Here we see that, for a given EoS, light curves get
dimmer with increasing NS mass.
6.3.1 Comparing BHNS kilonova lightcurves with
AT2017gfo-GW170817 counterpart
As a comparison, in Figs. 12-15 we show the observations of
the kilonova associated with GW170817 (AT2017gfo). We took
data points of apparent magnitudes from [126], we corrected
for interstellar extinction following [127] (de-reddening), then
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Fig. 11. Same as Fig. 8, considering a BH with MBH = 6 M and χBH = 0.8.
we calculated the absolute magnitudes assuming the GW170817
source luminosity distance dL = 40 Mpc [2]. It is interesting to
note that the general light curve behaviour and peak times are
similar. However, expecially in the B band, the expected kilo-
nova light curves for all the considered BHNS configurations
are always dimmer with respect to AT2017gfo. The emission
in this band is principally due to high Ye ejecta. Therefore this
difference can be explained with the smaller mass of the wind
ejecta (the one with larger Ye) in BHNS merger compared to
NSNS merger. Indeed, as discussed in § 4.3, only in the lat-
ter case an intermediate supra- or hypermassive NS can form
before collapsing to a BH. This transient object produces an
intense neutrino wind that interacts with the ejecta, increas-
ing the electron fraction. As far as the r and K bands are con-
cerned, there are some BHNS configurations for which the ex-
pected kilonova light curves are consistent with AT2017gfo,
expecially for the cases with χBH = 0.8 (Figs. 13-15). This is
very important, showing that having only an EM observation
of a kilonova without a GW signal, r and K bands measure-
ments do not allow to distinguish between a NSNS or a BHNS
merger, while B band observations can break this degeneracy.
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Fig. 12. Kilonova light curve dependence on NS mass and EoS, considering a BH with MBH = 3 M and χBH = 0.5. We show the absolute
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We show in gray observations of the kilonova associated with GW170817.
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Fig. 13. Same as Fig. 12, considering a BH with MBH = 3 M and χBH = 0.8.
6.4 Limiting cases
In our study, Fig. 10, for a BH with MBH = 6 M and χBH =
0.5, shows the largest spread in the light curves. First, no EM
counterpart is produced for ΛNS = 200 − MNS = 1.4 M and
ΛNS = 330 − MNS = 1.2 M. As indicated in Fig. 5, for these
combinations the NSs plunge directly onto the BH. Again from
Fig. 5, we see that the wide spread in the light curves can be
explained by the large variability of dynamical ejecta and disc
mass in the explored region: compared to other BH configura-
tions, in this case we are testing the NS parameter region close
to the direct plunge. The green light curve (ΛNS = 330−MNS =
1.4 M) is very dim and peaks early with respect to the others,
due to the small amount of matter powering the emission.
7 Energy radiated in kilonova
In this section we calculate the total energy emitted in the kilo-
nova. We compute this quantity as
EKN =
∫
Lbol,TOT dt, (69)
where
Lbol,TOT = Lbol,dynamical + Lbol,wind + Lbol,secular. (70)
We compute Lbol,wind and Lbol,secular summing Eq. 12 over all
the angular bins. Instead
Lbol,dynamical = Lbol,rad + Lbol,lat, (71)
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Fig. 14. Same as Fig. 12, considering a BH with MBH = 6 M and χBH = 0.5.
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Fig. 15. Same as Fig. 12, considering a BH with MBH = 6 M and χBH = 0.8.
where Lbol,rad (from Eq. 36) refers to radial emission and Lbol,lat
is the integral of Eq. 31 over the velocity distribution of dy-
namical ejecta.
In Fig. 16, for a given NS (MNS = 1.4 M and ΛNS = 330,
corresponding to SFHo EoS), we show the total energy released
in the kilonova in the parameter space MBH − χBH. It is appar-
ent that more energetic kilonovae are produced by faster spin-
ning and/or less massive BHs. This EKN dependence on the BH
properties mirrors the Mout dependence.
In Figs. 17–20 we show the total energy emitted in kilonova
in the MNS–ΛNS plane, for different BH parameters. Again, a
clear correspondence with the Mout dependence on NS param-
eters is apparent.
It is interesting to note that the total energy radiated in
the kilonva is always ∼ 10−5 times the ejecta rest mass en-
ergy. This energy transformation efficiency is consistent with
the typical one for nuclear processes. We note that this effi-
cency is much lower compared to the energy emitted in GWs.
Indeed, the total energy emitted in GWs can reach ∼ 5 Mc2
(∼ 1055 erg) in BHBH mergers and ∼ 0.05 Mc2 (∼ 1053 erg)
in NSNS merger [9, 128].
8 Conclusion
BHNS binary mergers are the next multi-messenger astronomy
sources to be detected. While a firm detection of a GW signal
from these sources is still awaited at the time of writing [al-
though there has been a promising candidate, see 129], one of
the possible EM counterparts from this family of mergers could
C. Barbieri et al.: EM counterparts of BHNS mergers: dependence on the NS properties 19
3 4 5 6 7 8 9 10
MBH [M ]
0.0
0.2
0.4
0.6
0.8
BH
45.5
46
46.5
47
47.5
48
EKN [erg]
Fig. 16. Total energy emitted in kilonova in the MBH − χBH param-
eter space. We assumed a NS with MNS = 1.4 M and ΛNS = 330,
corresponding to SFHo EoS).
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Fig. 17. Total energy emitted in kilonova in the MNS − ΛNS parameter
space, for a BH with MBH = 3 M and χBH = 0.5.
have already been observed, nestled among the short GRB pop-
ulation [130, 131, and references therein].
In this paper, we presented a composite model to compute
the BHNS merger EM counterpart light curves. During the fi-
nal phase of the inspiral, just before crossing the BH event
horizon, the NS can be partially disrupted, leaving neutron-
rich material outside the BH. Some of this material is gravi-
tationally unbound (“dynamical” ejecta), while the rest forms
an a ccretion disc around the remnant BH created after the
merger. From this disc two additional outflows are produced:
the “wind” ejecta and “secular” ejecta. Finally, accretion onto
the BH can power the launch of a relativistic jet. These out-
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Fig. 18. Same as Fig. 17, for a BH with MBH = 3 M and χBH = 0.8.
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Fig. 19. Same as Fig. 19, for a BH with MBH = 6 M and χBH = 0.5.
flows produce the EM counterparts: the non-relativistic ejecta
power the kilonova emission, while the relativistic jet produces
the GRB afterglow emission. For simplicity, in this work we
considered only these two emission processes, leaving out, for
instance, the jet prompt emission and the kilonova radio rem-
nant [discussed in some detail in 10]. Therefore the NS tidal
disruption is crucial in order to produce EM counterparts in a
BHNS merger.
We studied dependence of the dynamical ejecta and disc
masses on the NS properties, namely the mass MNS and di-
mensionless tidal deformability parameter ΛNS, for fixed BH
properties (Figs. 3-6). We found that NSs never suffer a total
tidal disruption. Indeed for one of the stiffest physically moti-
vated EoS (MS1) the mass remaining outside the remnant BH
is . 40 % of the NS mass.
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Fig. 20. Same as Fig. 20, for a BH with MBH = 6 M and χBH = 0.8.
In the computation of the kilonova emission from dynami-
cal, wind and secular ejecta we take into account the expected
anisotropies emerging from the eject in the form of a crescent
(see §4). We also modeled GRB afterglow emission accounting
for anisotropies in the relativistic jet, for the angular distribu-
tion of both the energy and the Lorentz factor (see §5).
In §6 we presented different sets of light curves. For each
set we fixed the BH mass and spin, and we studied their depen-
dence on the NS mass and tidal deformability, by varying one
at a time the two quantities. EM lightcurves from BHNS merg-
ers display a large degeneracy introduced by different combi-
nations of binary parameters. Therefore we stress that, through
the EM multi-wavelength observations alone, it is not possible
to constrain the intrinsic binary parameters. By contrast, this
degeneracy can be broken by performing a multi-messenger
analysis with joint GW and EM signals to infer both BH and
NS properties, as suggested in [10].
Using the constraints on the NS EoS from GW170817 [60]
our modeling of the kilonova light curves shows that the emis-
sion falls in a narrow range of absolute magnitudes, and that
the brightest EM counterparts are associated to BHNS binaries
with a low-mass NS of 1-1.2 M. The light curves behaviour
and peak times are not dissimilar to NSNS mergers, except in
the B band. The lack of an intense neutrino wind, originating
from the supra/hyper-massive NS that could form in NSNS co-
alescences, leads to a dimming of the blue component of the
kilonova emission in BHNS mergers, should the kilonova from
NSNS binaries display a universal behaviour. Our work pro-
vides light curves that may serve as guide to identify EM coun-
terparts of BHNS events hours to days after the detection of the
GW signal when partial disruption of the NS occurs during the
merger.
Acknowledgements
We thank F. Zappa and S. Bernuzzi for sharing EoS tables. The authors
acknowledge support from INFN, under the Virgo-Prometeo initiative.
O. S. acknowledges the Italian Ministry for University and Research
(MIUR) for funding through project grant 1.05.06.13. During drafting
of this paper, M. C. acknowledges kind hospitality by the Kavli Insti-
tute for Theoretical Physics at Santa Barbara, under the program ”The
New Era of Gravitational-Wave Physics and Astrophysics”.
References
1. LVC, B.P. Abbott, R. Abbott, T.D. Abbott, S. Abraham, F. Acer-
nese, K. Ackley, C. Adams, R.X. Adhikari, et al., arXiv e-prints
(2018), 1811.12940
2. B.P. Abbott, R. Abbott, T.D. Abbott, F. Acernese, K. Ackley,
C. Adams, T. Adams, P. Addesso, R.X. Adhikari, V.B. Adya
et al. (LIGO Scientific Collaboration and Virgo Collaboration),
Phys. Rev. Lett. 119, 161101 (2017)
3. J. Abadie, B.P. Abbott, R. Abbott, M. Abernathy, T. Accadia,
F. Acernese, C. Adams, R. Adhikari, P. Ajith, B. Allen et al.,
Classical and Quantum Gravity 27, 173001 (2010), 1003.2480
4. J. Abadie, B.P. Abbott, R. Abbott, M. Abernathy, T. Accadia,
F. Acernese, C. Adams, R. Adhikari, P. Ajith, B. Allen et al.,
Classical and Quantum Gravity 27, 173001 (2010), 1003.2480
5. J. Clark, H. Evans, S. Fairhurst, I.W. Harry, E. Macdonald,
D. Macleod, P.J. Sutton, A.R. Williamson, ApJ 809, 53 (2015),
1409.8149
6. M. Dominik, E. Berti, R. O’Shaughnessy, I. Mandel, K. Bel-
czynski, C. Fryer, D.E. Holz, T. Bulik, F. Pannarale, ApJ 806,
263 (2015), 1405.7016
7. M. Mapelli, N. Giacobbo, MNRAS 479, 4391 (2018),
1806.04866
8. N. Giacobbo, M. Mapelli, MNRAS 480, 2011 (2018),
1806.00001
9. LVC, B.P. Abbott, R. Abbott, T.D. Abbott, S. Abraham, F. Ac-
ernese, K. Ackley, C. Adams, R.X.e.a. Adhikari, arXiv e-prints
arXiv:1811.12907 (2018), 1811.12907
10. C. Barbieri, O.S. Salafia, A. Perego, M. Colpi, G. Ghirlanda,
arXiv e-prints arXiv:1903.04543 (2019), 1903.04543
11. J. Antoniadis, P.C.C. Freire, N. Wex, T.M. Tauris, R.S. Lynch,
M.H. van Kerkwijk, M. Kramer, C. Bassa, V.S. Dhillon,
T. Driebe, Science 340, 448 (2013), 1304.6875
12. F. O¨zel, D. Psaltis, R. Narayan, A. Santos Villarreal, ApJ 757,
55 (2012), 1201.1006
13. F. O¨zel, P. Freire, Annual Review of Astronomy and Astro-
physics 54, 401 (2016), 1603.02698
14. J. Antoniadis, T.M. Tauris, F. Ozel, E. Barr, D.J. Cham-
pion, P.C.C. Freire, arXiv e-prints arXiv:1605.01665 (2016),
1605.01665
15. T.M. Tauris, Mem. S.A.It. 87, 517 (2016), 1606.05117
16. T.M. Tauris, M. Kramer, P.C.C. Freire, N. Wex, H.T. Janka,
N. Langer, P. Podsiadlowski, E. Bozzo, S. Chaty, M.U. Kruckow
et al., ApJ 846, 170 (2017), 1706.09438
17. P.C.C. Freire, S.M. Ransom, S. Begin, I.H. Stairs, J.W.T. Hes-
sels, L.H. Frey, F. Camilo (2007), 0711.0925
18. B. Margalit, B.D. Metzger, ApJ 850, L19 (2017), 1710.05938
19. F. O¨zel, D. Psaltis, R. Narayan, J.E. McClintock, ApJ 725, 1918
(2010), 1006.2834
20. M. Shibata, K. Taniguchi, Living Reviews in Relativity 14, 6
(2011)
21. K. Belczynski, J. Klencki, G. Meynet, C.L. Fryer, D.A.
Brown, M. Chruslinska, W. Gladysz, R. O’Shaughnessy, T. Bu-
lik, E. Berti et al., arXiv e-prints arXiv:1706.07053 (2017),
1706.07053
C. Barbieri et al.: EM counterparts of BHNS mergers: dependence on the NS properties 21
22. C.S. Kochanek, ApJ 398, 234 (1992)
23. L. Bildsten, C. Cutler, ApJ 400, 175 (1992)
24. B. Farr, D.E. Holz, W.M. Farr, The Astrophysical Journal 854,
L9 (2018)
25. C. Georgy, A. Granada, S. Ekstro¨m, G. Meynet, R.I. Anderson,
A. Wyttenbach, P. Eggenberger, A. Maeder, Astronomy & As-
trophysics 566, A21 (2014)
26. M. Arca Sedda, M. Benacquista, MNRAS 482, 2991 (2019),
1806.01285
27. I.D. Novikov, K.S. Thorne, Astrophysics of black holes., in
Black Holes (Les Astres Occlus), edited by C. Dewitt, B.S. De-
witt (1973), pp. 343–450
28. J.E. McClintock, R. Narayan, J.F. Steiner, Space Science Re-
views 183, 295 (2014), 1303.1583
29. K. Belczynski, T. Bulik, C. Bailyn, ApJl 742, L2 (2011),
1107.4106
30. K. Belczynski, T. Bulik, C.L. Fryer, arXiv e-prints
arXiv:1208.2422 (2012), 1208.2422
31. P. Marchant, N. Langer, P. Podsiadlowski, T.M. Tauris, S. de
Mink, I. Mandel, T.J. Moriya, A&A 604, A55 (2017),
1705.04734
32. W. Farr, N. Sravan, A. Cantrell, L. Kreidberg, C. Bailyn, I. Man-
del, V. Kalogera, The Mass Distribution of Stellar-Mass Black
Holes, in APS April Meeting Abstracts (2011), Vol. 2011, p.
H11.002
33. K. Belczynski, G. Wiktorowicz, C.L. Fryer, D.E. Holz,
V. Kalogera, The Astrophysical Journal 757, 91 (2012)
34. C.L. Fryer, K. Belczynski, G. Wiktorowicz, M. Dominik,
V. Kalogera, D.E. Holz, ApJ 749, 91 (2012), 1110.1726
35. M. Dominik, K. Belczynski, C. Fryer, D.E. Holz, E. Berti,
T. Bulik, I. Mand el, R. O’Shaughnessy, ApJ 759, 52 (2012),
1202.4901
36. N. Giacobbo, M. Mapelli, M. Spera, MNRAS 474, 2959 (2018),
1711.03556
37. F. Foucart, Physical Review D 86, 124007 (2012), 1207.6304
38. K. Kyutoku, K. Ioka, H. Okawa, M. Shibata, K. Taniguchi, Phys-
ical Review D 92, 044028 (2015), 1502.05402
39. K. Kawaguchi, K. Kyutoku, H. Nakano, H. Okawa, M. Shi-
bata, K. Taniguchi, Physical Review D 92, 024014 (2015),
1506.05473
40. F. Foucart, T. Hinderer, S. Nissanke, ArXiv e-prints
arXiv:1807.00011 (2018), 1807.00011
41. M. Shibata, K. Kyutoku, T. Yamamoto, K. Taniguchi, Physical
Review D 79, 044030 (2009), 0902.0416
42. F. Foucart, M.B. Deaton, M.D. Duez, L.E. Kidder, I. Mac-
Donald, C.D. Ott, H.P. Pfeiffer, M.A. Scheel, B. Szilagyi, S.A.
Teukolsky, Physical Review D 87, 084006 (2013), 1212.4810
43. F. Foucart, L. Buchman, M.D. Duez, M. Grudich, L.E. Kidder,
I. MacDonald, A. Mroue, H.P. Pfeiffer, M.A. Scheel, B. Szilagyi,
Physical Review D 88, 064017 (2013), 1307.7685
44. F. Pannarale, E. Berti, K. Kyutoku, B.D. Lackey, M. Shibata,
Physical Review D 92, 081504 (2015), 1509.06209
45. F. Pannarale, E. Berti, K. Kyutoku, B.D. Lackey, M. Shibata,
Physical Review D 92, 084050 (2015), 1509.00512
46. T. Hinderer, A. Taracchini, F. Foucart, A. Buonanno, J. Stein-
hoff, M. Duez, L.E. Kidder, H.P. Pfeiffer, M.A. Scheel, B. Szi-
lagyi et al., Physical Review Letters 116, 181101 (2016),
1602.00599
47. P. Kumar, M. Pu¨rrer, H.P. Pfeiffer, Physical Review D 95,
044039 (2017), 1610.06155
48. T. Di Matteo, R. Perna, R. Narayan, ApJ 579, 706 (2002),
astro-ph/0207319
49. W.X. Chen, A.M. Beloborodov, ApJ 657, 383 (2007),
astro-ph/0607145
50. A. Janiuk, P. Mioduszewski, M. Moscibrodzka, ApJ 776, 105
(2013), 1308.4823
51. B.P. Abbott et al. (GROND, SALT Group, OzGrav, DFN, INTE-
GRAL, Virgo, Insight-Hxmt, MAXI Team, Fermi-LAT, J-GEM,
RATIR, IceCube, CAASTRO, LWA, ePESSTO, GRAWITA, RI-
MAS, SKA South Africa/MeerKAT, H.E.S.S., 1M2H Team,
IKI-GW Follow-up, Fermi GBM, Pi of Sky, DWF (Deeper
Wider Faster Program), Dark Energy Survey, MASTER, As-
troSat Cadmium Zinc Telluride Imager Team, Swift, Pierre
Auger, ASKAP, VINROUGE, JAGWAR, Chandra Team at
McGill University, TTU-NRAO, GROWTH, AGILE Team,
MWA, ATCA, AST3, TOROS, Pan-STARRS, NuSTAR, AT-
LAS Telescopes, BOOTES, CaltechNRAO, LIGO Scientific,
High Time Resolution Universe Survey, Nordic Optical Tele-
scope, Las Cumbres Observatory Group, TZAC Consor-
tium, LOFAR, IPN, DLT40, Texas Tech University, HAWC,
ANTARES, KU, Dark Energy Camera GW-EM, CALET,
Euro VLBI Team, ALMA), Astrophys. J. 848, L12 (2017),
1710.05833
52. D. Eichler, M. Livio, T. Piran, D.N. Schramm, Nature 340, 126
(1989)
53. R. Narayan, B. Paczynski, T. Piran, ApJl 395, L83 (1992),
astro-ph/9204001
54. J.M. Lattimer, D.N. Schramm, ApJl 192, L145 (1974)
55. L.X. Li, B. Paczyn´ski, ApJl 507, L59 (1998),
astro-ph/9807272
56. B.D. Metzger, Living Reviews in Relativity 20, 3 (2017)
57. B.P. Abbott, R. Abbott, T.D. Abbott, F. Acernese, K. Ackley,
C. Adams, T. Adams, P. Addesso, R.X. Adhikari, V.B. Adya
et al. (LIGO Scientific Collaboration and Virgo Collaboration),
Phys. Rev. X 9, 011001 (2019)
58. C.A. Raithel, F. O¨zel, D. Psaltis, ApJl 857, L23 (2018),
1803.07687
59. S. De, D. Finstad, J.M. Lattimer, D.A. Brown, E. Berger,
C.M. Biwer, Physical Review Letters 121, 091102 (2018),
1804.08583
60. D. Radice, A. Perego, F. Zappa, S. Bernuzzi, ApJ 852, L29
(2018), 1711.03647
61. R.D. Blandford, R.L. Znajek, MNRAS 179, 433 (1977)
62. A. Tchekhovskoy, R. Narayan, J.C. McKinney, ApJ 711, 50
(2010), 0911.2228
63. D.J. Price, S. Rosswog, Science 312, 719 (2006),
astro-ph/0603845
64. J. Zrake, A.I. MacFadyen, ApJ 769, L29 (2013), 1303.1450
65. B. Giacomazzo, J. Zrake, P.C. Duffell, A.I. MacFadyen,
R. Perna, ApJ 809, 39 (2015), 1410.0013
66. V. Paschalidis, M. Ruiz, S.L. Shapiro, ApJl 806, L14 (2015),
1410.7392
67. S.L. Shapiro, Physical Review D 95, 101303 (2017)
68. V. Paschalidis, Classical and Quantum Gravity 34, 084002
(2017), 1611.01519
69. M. Ruiz, S.L. Shapiro, A. Tsokaros, ArXiv e-prints (2018),
1810.08618
70. K. Kawaguchi, K. Kyutoku, M. Shibata, M. Tanaka, ApJ 825,
52 (2016)
71. M. Tanaka, K. Hotokezaka, ApJ 775, 113 (2013), 1306.3742
72. M. Tanaka, K. Hotokezaka, K. Kyutoku, S. Wanajo, K. Kiuchi,
Y. Sekiguchi, M. Shibata, ApJ 780, 31 (2014), 1310.2774
73. R. Ferna´ndez, F. Foucart, D. Kasen, J. Lippuner, D. Desai, L.F.
Roberts, Classical and Quantum Gravity 34, 154001 (2017),
22 C. Barbieri et al.: EM counterparts of BHNS mergers: dependence on the NS properties
1612.04829
74. T.B. Littenberg, B. Farr, S. Coughlin, V. Kalogera, D.E. Holz,
The Astrophysical Journal 807, L24 (2015)
75. E´.E´. Flanagan, T. Hinderer, Physical Review D 77, 021502
(2008), 0709.1915
76. O.S. Salafia, M. Colpi, M. Branchesi, E. Chassande-Mottin,
G. Ghirlanda, G. Ghisellini, S.D. Vergani, ApJ 846, 62 (2017),
1704.05851
77. M.J. Rees, Nature 333, 523 (1988)
78. F. Foucart, M.D. Duez, L.E. Kidder, S.M. Nissanke, H.P.
Pfeiffer, M.A. Scheel, Physical Review D 99, 103025 (2019),
1903.09166
79. K. Yagi, N. Yunes, Physics Reports 681, 1 (2017), 1608.02582
80. J.M. Lattimer, M. Prakash, ApJ 550, 426 (2001),
astro-ph/0002232
81. A.W. Steiner, M. Hempel, T. Fischer, ApJ 774, 17 (2013),
1207.2184
82. B.P. Abbott, R. Abbott, T.D. Abbott, F. Acernese, K. Ackley,
C. Adams, T. Adams, P. Addesso, R.X. Adhikari, V.B. Adya
et al. (The LIGO Scientific Collaboration and the Virgo Collab-
oration), Phys. Rev. Lett. 121, 161101 (2018)
83. D. Radice, A. Perego, K. Hotokezaka, S.A. Fromm, S. Bernuzzi,
L.F. Roberts, ApJ 869, 130 (2018), 1809.11161
84. O. Just, A. Bauswein, R. Ardevol Pulpillo, S. Goriely, H.T.
Janka, MNRAS 448, 541 (2015), 1406.2687
85. L. Dessart, C.D. Ott, A. Burrows, S. Rosswog, E. Livne, ApJ
690, 1681 (2009), 0806.4380
86. K. Kiuchi, Y. Sekiguchi, K. Kyutoku, M. Shibata, K. Taniguchi,
T. Wada, Physical Review D 92, 064034 (2015), 1506.06811
87. R. Ferna´ndez, B.D. Metzger, MNRAS 435, 502 (2013),
1304.6720
88. D. Radice, A. Perego, K. Hotokezaka, S. Bernuzzi, S.A. Fromm,
L.F. Roberts, ApJl 869, L35 (2018), 1809.11163
89. A. Perego, D. Radice, S. Bernuzzi, ApJ 850, L37 (2017)
90. S. Rosswog, T. Piran, E. Nakar, MNRAS 430, 2585 (2013),
1204.6240
91. R.T. Wollaeger, O. Korobkin, C.J. Fontes, S.K. Rosswog,
W.P. Even, C.L. Fryer, J. Sollerman, A.L. Hungerford, D.R.
van Rossum, A.B. Wollaber, MNRAS 478, 3298 (2018),
1705.07084
92. D. Grossman, O. Korobkin, S. Rosswog, T. Piran, MNRAS 439,
757 (2014), 1307.2943
93. D. Martin, A. Perego, A. Arcones, F.K. Thielemann, O. Ko-
robkin, S. Rosswog, ApJ 813, 2 (2015)
94. O. Korobkin, S. Rosswog, A. Arcones, C. Winteler, MNRAS
426, 1940 (2012), 1206.2379
95. J. Barnes, D. Kasen, ApJ 775, 18 (2013), 1303.5787
96. L.F. Roberts, J. Lippuner, M.D. Duez, J.A. Faber, F. Foucart,
J. Lombardi, James C., S. Ning, C.D. Ott, M. Ponce, MNRAS
464, 3907 (2017), 1601.07942
97. B.D. Metzger, R. Ferna´ndez, MNRAS 441, 3444 (2014),
1402.4803
98. S.S. Komissarov, MNRAS 326, L41 (2001)
99. F. Pannarale, Physical Review D 88, 104025 (2013), 1208.5869
100. J.F. Hawley, C. Fendt, M. Hardcastle, E. Nokhrina,
A. Tchekhovskoy, Space Science Reviews 191, 441 (2015)
101. P. D’Avanzo, R. Salvaterra, M.G. Bernardini, L. Nava, S. Cam-
pana, S. Covino, V. D’Elia, G. Ghirlanda, G. Ghisellini, A. Me-
landri et al., MNRAS 442, 2342 (2014), 1405.5131
102. W. Fong, E. Berger, R. Margutti, B.A. Zauderer, ApJ 815, 102
(2015), 1509.02922
103. O.S. Salafia, G. Ghirlanda, S. Ascenzi, G. Ghisellini, arXiv e-
prints arXiv:1905.01190 (2019), 1905.01190
104. O.S. Salafia, G. Ghisellini, A. Pescalli, G. Ghirlanda, F. Nappo,
MNRAS 450, 3549 (2015), 1502.06608
105. L. Sironi, A. Spitkovsky, J. Arons, ApJ 771, 54 (2013),
1301.5333
106. R.D. Blandford, C.F. McKee, Physics of Fluids 19, 1130 (1976)
107. P. Beniamini, A.J. van der Horst, MNRAS 472, 3161 (2017),
1706.07817
108. L. Nava, G. Vianello, N. Omodei, G. Ghisellini, G. Ghirlanda,
A. Celotti, F. Longo, R. Desiante, R. Barniol Duran, MNRAS
443, 3578 (2014), 1406.6693
109. P. Beniamini, L. Nava, T. Piran, MNRAS 461, 51 (2016),
1606.00311
110. B.B. Zhang, H. van Eerten, D.N. Burrows, G.S. Ryan, P.A.
Evans, J.L. Racusin, E. Troja, A. MacFadyen, ApJ 806, 15
(2015), 1405.4867
111. R. Santana, R. Barniol Duran, P. Kumar, ApJ 785, 29 (2014),
1309.3277
112. J. Granot, A.J. van der Horst, Publications of the Astronomical
Society of Australia 31, e008 (2014)
113. A. Panaitescu, P. Kumar, ApJ 543, 66 (2000),
astro-ph/0003246
114. P. D’Avanzo, S. Campana, O.S. Salafia, G. Ghirlanda,
G. Ghisellini, A. Melandri, M.G. Bernardini, M. Branchesi,
E. Chassande-Mottin, S. Covino et al., A&A 613, L1 (2018)
115. G. Ghirlanda, O.S. Salafia, Z. Paragi, M. Giroletti, J. Yang,
B. Marcote, J. Blanchard, I. Agudo, T. An, M.G. Bernardini
et al., Science p. aau8815 (2019)
116. R. Voss, T.M. Tauris, MNRAS 342, 1169 (2003),
astro-ph/0303227
117. J. Granot, P. Kumar, The Astrophysical Journal 591, 1086
(2003)
118. A. Pe’er, ApJ 752, L8 (2012), 1203.5797
119. R. Sari, T. Piran, R. Narayan, ApJ 497, L17 (1998),
astro-ph/9712005
120. H. van Eerten, A. van der Horst, A. MacFadyen, ApJ 749, 44
(2012), 1110.5089
121. J. Granot, R. Sari, ApJ 568, 820 (2002), astro-ph/0108027
122. J. Granot, T. Piran, R. Sari, ApJl 534, L163 (2000),
astro-ph/0001160
123. B.F. Schutz, Classical and Quantum Gravity 28, 125023 (2011),
1102.5421
124. M. Hempel, J. Schaffner-Bielich, Nuclear Physics A 837, 210
(2010), 0911.4073
125. S. Typel, G. Ro¨pke, T. Kla¨hn, D. Blaschke, H.H. Wolter, Physi-
cal Review C 81, 015803 (2010), 0908.2344
126. V.A. Villar, J. Guillochon, E. Berger, B.D. Metzger, P.S. Cow-
perthwaite, M. Nicholl, K.D. Alexand er, P.K. Blanchard,
R. Chornock, T. Eftekhari, ApJl 851, L21 (2017), 1710.11576
127. J.A. Cardelli, G.C. Clayton, J.S. Mathis, ApJ 345, 245 (1989)
128. F. Zappa, S. Bernuzzi, D. Radice, A. Perego, T. Dietrich, Physi-
cal Review Letters 120, 111101 (2018), 1712.04267
129. Ligo Scientific Collaboration, VIRGO Collaboration, GRB Co-
ordinates Network 24237, 1 (2019)
130. B.P. Gompertz, A.J. Levan, N.R. Tanvir, J. Hjorth, S. Covino,
P.A. Evans, A.S. Fruchter, C. Gonza´lez-Ferna´ndez, Z.P. Jin, J.D.
Lyman, ApJ 860, 62 (2018), 1710.05442
131. A. Rossi, G. Stratta, E. Maiorano, D. Spighi, N. Masetti,
E. Palazzi, A. Gardini, A. Melandri, L. Nicastro, E. Pian, arXiv
e-prints arXiv:1901.05792 (2019), 1901.05792
